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Fundamental problems: 10 yrs ago

1. True abundance of red/elliptical galaxies at 
z>1?

2. Morphological distribution at z>1 in mass-
selected samples

3. Dependence of M vs SFR vs Z vs redshift?

4. Can we measure circular velocities of z>1 
galaxies?

5. Can we detect the BAO feature in the 
galaxy distribution?
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Figure 2. Examples of galaxies with the number density of the Milky Way at 0 < z < 2.75. Galaxies at z ≈ 0.015 are from the SDSS; galaxies at higher redshift
are from the 3D-HST and CANDELS surveys. The color images were created from data in the same rest-frame bands (u and g) at all redshifts and have a common
physical scale. Their intensities are scaled so they are proportional to mass, indicated in the top panel. Galaxies at high redshift have relatively low surface densities;
their centers and outer parts seem to build up at the same time, at least until z ∼ 1.
(A color version of this figure is available in the online journal.)

these fields have multi-band Advanced Camera for Surveys
(ACS) and WFC3 imaging (from the GOODS and CANDELS
surveys, respectively; Giavalisco et al. 2004; Grogin et al. 2011;
Koekemoer et al. 2011), as well as WFC3 G141 grism spectra
from the 3D-HST program (Brammer et al. 2012). Redshifts,
stellar masses, and star formation rates (SFR) were determined
from deep photometric catalogs in these fields, combined with
the grism spectra (see Brammer et al. 2012 and references
therein, and R. Skelton et al., in preparation). The 3D-HST
v2.1 catalogs are ≈100% complete in the relevant mass and
redshift range, but we note that we rely largely on photometric
redshifts (rather than grism redshifts) at z ! 1.3.

There are 361 galaxies at 0.25 < z < 2.75 in the catalogs
whose mass is within ±0.1 dex of MMW(z). Images of a random
subset of 90 are shown in Figure 2. The images have the

same physical scale and represent the same rest-frame filters
(u and g). Their brightness is scaled in such a way that their
total (u + g) flux is proportional to MMW(z). The rest-frame u
and g images were created by interpolating the two ACS and/or
WFC3 images (smoothed to the H160 resolution) whose central
wavelengths are closest to the redshifted u and g filters.

Also shown are nearby galaxies from the Sloan Digital Sky
Survey (SDSS). We selected 40 galaxies with 0.013 < z <
0.017 and 10.62 < log M < 10.78 from the DR7 MPA-JHU
catalogs12 (Brinchmann et al. 2004), and degraded their u and
g images to the same spatial resolution as the high-redshift
galaxies. A random subset of 10 galaxies is shown in Figure 2.

12 http://home.strw.leidenuniv.nl/∼jarle/SDSS/
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Fig. 6.— Stellar mass functions in sequential redshift bins for all (black), star-forming (blue) and quiescent (red) galaxies. Open symbols
correspond to data below each subsample’s respective mass-completeness limit. We have used data from NMBS to supplement the high-mass
end of each SMF down to the limits indicated by the orange arrows. Best-fit Schechter functions to the total SMF are plotted as black lines.
Even as far as z ∼ 2 the total SMF exhibits a low-mass upturn. Furthermore, we show a clear decline in the quiescent SMF below M∗ towards
high-z, which cannot be attributed to incompleteness.
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where again M = Log(M/M#), α is the slope of the power-
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where again M = Log(M/M#), (α1, α2) are the slopes
and (Φ∗

1, Φ∗
2) are the normalizations of the constituent

Schechter functions respectively, and M∗ again is the char-
acteristic mass. Note that one value forM∗ is used for both
constituents in the double-Schechter function. This func-
tional form of the double-Schechter function is the same
as in Baldry et al. (2008).
Recent measurements of the total SMF at z < 1 have

revealed an excess of galaxies at stellar masses below
1010M#, causing a steepening in the slope. (e.g. Baldry
et al. 2008; Li & White 2009; Drory et al. 2009; Pozzetti
et al. 2010; Moustakas et al. 2013; Muzzin et al. 2013). We
fit each of our mass functions with both single- and double-
Schechter functions. We show best-fit parameters as well
as reduced chi-squared values for each in tables 2 and 3.

From the reduced chi-squared values we find that the total
SMF is much better fit by a double-Schechter function at
z ≤ 2. At z > 2 we find that a single-Schechter function is
sufficient, however this may be because we do not go deep
enough to detect significant structure at low masses. This
is clearly shown in Figure 7 where we plot the residuals of
both single- and double-Schechter fits to the total SMF.
Due to the complex shape of the SMF, a single-Schechter
function is unable to reproduce the behavior at both low
and high masses. The non-random structure evident in
the residuals shows that a single-Schechter function is not
sufficient out to at least z ∼ 2. This residual structure is
present even if the NMBS data is excluded from the calcu-
lation, proving that the steepening of the low-mass slope
is not caused by a systematic offset between the surveys
we use. In fact there is evidence for a steepening in each
of the three ZFOURGE fields independently, so it is not
dominated by the data from just one.
In Figure 6 we find a rapid increase in the low-mass end

of the SMF of quiescent galaxies since z = 2. We calculate
a factor of ≈ 10 increase in the number of quiescent galax-
ies at stellar masses < 1010M#. This effect could be the
result of a growing population of low-mass galaxies being
accreted onto larger halos and having their star-formation
quenched in the process. Since the expected source of low-
mass quiescent galaxies is low-mass star-forming galaxies
that have become quenched, this leads to the question of
what is/are the dominant quenching process/processes for
low-mass galaxies. Several studies have suggested that en-
vironmental processes become increasingly important in
the quenching of star formation at low masses (e.g. Hogg
et al. 2003; Peng et al. 2010; Geha et al. 2012; Quadri et al.

The evolution of the mass function

Tomczak et al.  (nearly submitted!), 2013.
ZFOURGE + NEWFIRM medium band redshifts  
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My new list of fundamental problems

1. What are the kinematic morphology fractions at 
z>0.5?

2. What is the galaxy merger rate?

3. What drives turbulence in high-z disks?

4. How do ‘clumps’ drive galaxy evolution?

5. How does the Tully-Fisher relation evolve?

6. Is the IMF and SFL Universal in space and time?
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Galaxy morphologies at z>1

tadpole (97), spiral (269), and elliptical (100). Figure 1 shows
eight examples of each type; the lines correspond to 0B5.

Galaxy morphology can vary with wavelength, so we viewed
many of the cataloged objects at other ACS passbands and with
NICMOS (Thompson et al. 2005). Generally, the morphologi-
cal classification does not change significantly with wavelength
(e.g., Dickinson 2000) because it is based on only the most fun-
damental galaxy characteristics, such as elongation and number
of giant clumps. Also, the NICMOS images have a factor of 3
lower resolution, so they do not reveal the same fine structure as
the other images.

The distinguishing characteristics of the main types that we
classified are as follows:

Chain.—Linear objects dominated by several giant clumps
and having no exponential light profiles or central red bulges.
Clump cluster.—Oval or circular objects resembling chain

galaxies in their dominance by several giant clumps and having
no exponential profiles or bulges.
Double clump.—Systems dominated by two similar clumps

with no exponential profile or bulge.

Tadpole.—Systems dominated by a single clump that is off-
center from, or at the end of, a more diffuse linear emission.
Spiral.—Galaxies with exponential-like disks, evident spiral

structure if they have low inclination, and usually a bulge or a
nucleus. Edge-on spirals have relatively flat emission from a mid-
plane, and often extended emission perpendicular to themidplane,
as well as a bulge.
Elliptical.—Centrally concentrated oval galaxies with no

obvious spiral structure.

Chain galaxies were first recognized by Cowie et al. (1995)
using the same definition as that here. Tadpole galaxies were de-
fined by van den Bergh et al. (1996), and examples from the UDF
were discussed by Straughn et al. (2004). Tadpole galaxies with
short tails were classified as ‘‘comma’’ type in the morphology
review by van den Bergh (2002). Van den Bergh et al. (1996) also
noted objects like clump clusters and called them ‘‘protospirals.’’
Conselice et al. (2004) called these clump-dominated young disk
galaxies ‘‘luminous diffuse objects,’’ although some of their sam-
ple included galaxies with bulges and exponential-like profiles,
unlike the clump clusters here. Binary galaxies, like our doubles,

Fig. 1aFig. 1b

Fig. 1.—Selection of eight typical galaxies for each morphological type: four in (a) and four in (b). Top to bottom: Chain, clump-cluster, double, tadpole, spiral, and
elliptical galaxies. Images are at i775 band, with a line representing 0B5. UDF or our own identification numbers from left to right in (a) are as follows: chains: 6478, 7269,
6922, 3214; clump clusters: CC12, 1375, 2291, 5190; doubles: 637, 4072, 5098, 5251; tadpoles: 3058, 8614, 5358, 6891; spirals: 3372, 3180, 4438, 8275; ellipticals:
2107, 4389, 2322, 4913. In (b), the identifications are: chains: 169 and 170 (two separate galaxies), 1428, 401, 3458+3418; clump clusters: 6486, 4807, 7230, 9159;
doubles: 2461, 2558, 4097, 3967; tadpoles: 9543, 5115, 3147, 9348; spirals: 2607, 5805, 7556, 5670; ellipticals: 8, 4527, 4320, 5959. Panel b has an example of an
edge-on spiral.

Fig. 1a Fig. 1b

ELMEGREEN ET AL.86 Vol. 631

‘Chains’

‘Clump Clusters’

‘Doubles’

‘Tadpoles’

Elmegreen et al. 2005: galaxy morphogies in the HUDF
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Many clumpy galaxies are 
kinematically regular

Fig. 3, which exhibit significant velocity residuals southwest of the
nucleus. The origin of these residuals is gas at slightly blue-shifted
velocities entering the nuclear region from the northwest, then
passing along the minor axis below the nuclear position and exiting
southeast into the red-shifted part of the disk (see Fig. 1a, d–g, shown
by the dotted S-shaped curve). This trend is reflected in the overall
velocity field of Fig. 3a as a twist of the iso-velocity contours, reaching
an amplitude of 70–120 km s21 in the velocity residual map (Fig. 3c).
Very similar patterns are seen in many local-Universe galaxies (see,
for example, refs 15, 26), where they are interpreted as the tell-tale
signature of radial inward streaming of gas from the disk into the
nucleus (for example, in response to a stellar bar). This inflow could
be an important contributor to the growth of a substantial bulge
whose presence is already apparent as a bright stellar peak near the
centre of BzK-15504 (see Supplementary Information). In addition

there is a red-shifted high-velocity tail (to ,500 km s21) of the Ha
emission ,0.2 00 east of the nuclear continuum peak (Fig. 1j). This
feature is also prominent in [N II] (Supplementary Information) and
may be powered by hard ultraviolet radiation from an active galactic
nucleus (AGN), whose presence in BzK-15504 at that position is
indicated by the properties of its ultraviolet spectrum (Supplemen-
tary Information). Inward nuclear flow and a contribution from an
AGN plausibly explain the relatively large nuclear velocity dispersion
(Fig. 2c) that is not accounted for by the disk rotation model.
Our observations indicate a self-consistent picture of rapid gas

Table 1 | Physical properties of BzK-15504

Parameter Value Description

Z 2.3834 Look-back time 10.7Gyr, 1 00 ; 8.135 kpc
K s 19.2 Total Ks band magnitude (Vega system, uncorrected for 30% line emission)
AV 0.9(þ0.3,–0.3) Extinction derived from spectral energy distribution fitting (SED)
R * 140(þ110,280)M( yr21 Star-formation rate from Ha flux of 2.5 £ 10216 erg s21 cm22 (ref. 19)

and ultraviolet SED, for IMF in refs 20, 21 and AV ¼ 0.9mag
t * 5(þ5,22) £ 108 yr Stellar age from SED fitting, for continuous or 3 £ 108-yr duration burst
S * 1.2M( yr21 kpc22 Star-formation rate surface density
Mdyn (11.3 ^ 1) £ 1010M( Dynamical mass within r ¼ 1.1 00 , corrected for inclination i ¼ 48 ^ 38
M * 7.7(þ3.9,21.3) £ 1010M( From SED and IMF from refs 20, 21, excluding stellar mass loss
Mgas 4.3 £ 1010M( Total gas mass from Ha and Schmidt–Kennicutt law19, for AV ¼ 0.9mag
Sgas 350M( pc22 Total gas surface density from Ha surface brightness and Schmidt–Kennicutt law19

Vc 230 ^ 16 km s21 Circular velocity at r ¼ 5–10 kpc
R1/e 4.5 ^ 1 kpc Radial scale length of Ha disk
Z1/e 1 ^ 0.5 kpc Vertical scale length of Ha disk, from vc/j ¼ 3 ^ 1
Q 0.8 ^ 0.4 Toomre Q parameter for global disk stability16

See Supplementary Information for details; quoted uncertainties are 1 standard deviation of the fit.

Figure 3 | Two-dimensional distributions of first and second moments of
the Ha velocity distribution. a, Extracted mean velocity map. b, Extracted
velocity dispersion map. c, d, Difference maps of a and b, respectively, and
the corresponding best-fitting exponential disk model distributions.
Superposed are contours of integrated Ha emission. In all cases the data and
models were smoothed to 0.19 00 FWHM. The crosses denote the position of
the continuum peak. The strong deviations (in a and c) near the dynamical
centre of the velocity field from that of the simple rotation pattern in the
outer disk indicate a 70–120-km s21 component of radial motion, either
inflow or outflow. The spatial connection of this radially streaming gas to the
outer disk apparent from the channel maps in Fig. 1 strongly favours radial
inflow.

Figure 2 | Velocity and intensity distributions along the major and minor
axes of the source. a, Ha intensity along the morphological and kinematic
major axis at position angle 248 west of north. b, c, Peak velocity (b) and
velocity dispersion (c) extracted along the major axis by fitting gaussians to
spectra in selected apertures. d, Peak velocity in selected apertures along the
minor axis (position angle 1148 west of north) through a position 0.69 00

northwest of the centre and averaged over 0.25 00 along the major axis. Filled
blue circles denote spectra in the 0.15 00 high resolution data of Fig. 1; red
crosses represent the second independent data set at 0.45 00 spatial resolution.
Continuous curves denote the best fitting exponential disk model to the
data. The dotted curve in b is the inclination and resolution corrected,
intrinsic rotation curve inferred from our modelling. In all panels vertical
error bars represent formal 1-j uncertainties in the measurements.
Horizontal error bars indicate the diameter of the synthetic apertures.
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Many clumpy galaxies are 
kinematically regular
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velocity dispersion map. c, d, Difference maps of a and b, respectively, and
the corresponding best-fitting exponential disk model distributions.
Superposed are contours of integrated Ha emission. In all cases the data and
models were smoothed to 0.19 00 FWHM. The crosses denote the position of
the continuum peak. The strong deviations (in a and c) near the dynamical
centre of the velocity field from that of the simple rotation pattern in the
outer disk indicate a 70–120-km s21 component of radial motion, either
inflow or outflow. The spatial connection of this radially streaming gas to the
outer disk apparent from the channel maps in Fig. 1 strongly favours radial
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Figure 2 | Velocity and intensity distributions along the major and minor
axes of the source. a, Ha intensity along the morphological and kinematic
major axis at position angle 248 west of north. b, c, Peak velocity (b) and
velocity dispersion (c) extracted along the major axis by fitting gaussians to
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crosses represent the second independent data set at 0.45 00 spatial resolution.
Continuous curves denote the best fitting exponential disk model to the
data. The dotted curve in b is the inclination and resolution corrected,
intrinsic rotation curve inferred from our modelling. In all panels vertical
error bars represent formal 1-j uncertainties in the measurements.
Horizontal error bars indicate the diameter of the synthetic apertures.
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Superposed are contours of integrated Ha emission. In all cases the data and
models were smoothed to 0.19 00 FWHM. The crosses denote the position of
the continuum peak. The strong deviations (in a and c) near the dynamical
centre of the velocity field from that of the simple rotation pattern in the
outer disk indicate a 70–120-km s21 component of radial motion, either
inflow or outflow. The spatial connection of this radially streaming gas to the
outer disk apparent from the channel maps in Fig. 1 strongly favours radial
inflow.

Figure 2 | Velocity and intensity distributions along the major and minor
axes of the source. a, Ha intensity along the morphological and kinematic
major axis at position angle 248 west of north. b, c, Peak velocity (b) and
velocity dispersion (c) extracted along the major axis by fitting gaussians to
spectra in selected apertures. d, Peak velocity in selected apertures along the
minor axis (position angle 1148 west of north) through a position 0.69 00

northwest of the centre and averaged over 0.25 00 along the major axis. Filled
blue circles denote spectra in the 0.15 00 high resolution data of Fig. 1; red
crosses represent the second independent data set at 0.45 00 spatial resolution.
Continuous curves denote the best fitting exponential disk model to the
data. The dotted curve in b is the inclination and resolution corrected,
intrinsic rotation curve inferred from our modelling. In all panels vertical
error bars represent formal 1-j uncertainties in the measurements.
Horizontal error bars indicate the diameter of the synthetic apertures.
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Figure 8. Disk fitting results for the 7/13 galaxies well-fit by disks in the sample. The first panel shows the smoothed velocity
map, the second panel shows the smoothed modeled velocity map fit to the unsmoothed data, the third panel shows the residual
from the difference of panel 1 and panel 2 and the final panel shows the binned rotation curve across the major axis with the model
overlaid in red.
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6 Wisnioski et al.

Figure 3. OSIRIS Hα kinematics. Left: Hα flux map, middle: velocity map from the systemic velocity, right: velocity dispersion map.
The black crosses mark the peak(s) in Hα flux. Velocity shifts from the systemic redshift and velocity dispersion are measured in km s−1.
Compass at the bottom right of the left panels show the true orientation. Letters at the bottom left of the left panels represent
morphology classifications; M=Multiple emission, E=Extended emission, S=Single emission. Objects are presented in the
order based on the morphological classification described in Section 3.1.
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morphology classifications; M=Multiple emission, E=Extended emission, S=Single emission. Objects are presented in the
order based on the morphological classification described in Section 3.1.
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The Astrophysical Journal, 733:101 (30pp), 2011 June 1 Genzel et al.

that this central component in BX482 has ∼20% of the total disk
mass (Genzel et al. 2008; Förster Schreiber et al. 2011a, 2011b).
In either case the absence and/or weakness of emission from
the center has no influence on the analysis we discuss in the
following. Position angles and inclinations are determined as
above. The model data are then convolved with the angular and
spectral resolution profiles and sampled at the observed pixel
scales. The total dynamical mass Mdyn is then varied to achieve
a best-fit match to the observed rotation velocities. To study
the non-axisymmetric motions in a galaxy, the best-fit model
velocity and velocity dispersion maps are subtracted from the
respective observed maps.

We compare these residual maps with Hα surface bright-
ness maps derived from the observed data cubes. Likewise, we
constructed [N ii]/Hα ratio maps from integrated line emission
maps smoothed with a 3 pixel (0.′′15) kernel. We multiplied
these maps with a mask constructed from all pixels with Hα
emission at >3σ significance. We also constructed pixel–pixel
correlation plots of residual velocity dispersion (δσ = σ
(data) − σ (model)) versus Hα surface brightness, and
[N ii]/Hα line ratio versus Hα surface brightness. Before inves-
tigating possible trends in these correlations, we culled pixels
with large δσ or [N ii]/Hα uncertainties. In addition, in the case
of D3a15504 (which has a prominent central bulge, AGN and a
narrow line region), we also removed the nuclear region.

2.3. Determination of Star Formation Rates and Gas Masses

For calculating star formation rates and gas surface densities
from the Hα data, we used the conversion of Kennicutt (1998b)
modified for a Chabrier (2003) IMF (SFR = L (Hα)0/2.1 × 1041

erg s−1). We corrected the observed Hα fluxes for spatially
uniform extinction with a Calzetti (2001) extinction curve
(A (Hα) = 7.4 E(B – V)), including the extra “nebular”
correction (Agas = Astars/0.44) introduced by Calzetti (2001).
We determined E(B – V) from the integrated UV/optical
photometry of the galaxies (row 5 in Table 2). Förster Schreiber
et al. (2009) find that including the extra nebular correction
brings Hα- and UV-continuum-based star formation rates of
z ∼ 2 SINS galaxies into best agreement.

We estimated molecular surface densities (and masses, in-
cluding a 36% helium contribution) from Equation (8) of
Kennicutt et al. (2007), modified for the Chabrier IMF used
here,

log
(

Σmol−gas

M% pc−2

)
= 0.73 log

(
Σstar−form

M% yr−1 kpc−2

)
+ 2.91. (2)

Equation (2) is based on Hα, 24 µm, and CO observa-
tions of M51 and is similar to results for larger samples of
z ∼ 0 SFGs (e.g., Equation (4) in Kennicutt 1998a, and
Figure 4 of Genzel et al. 2010). It has the added advantage
of being based on spatially resolved measurements of the gas to
star formation relation with a similar spatial resolution (0.5 kpc)
as our high-z data and also covering a similar range of gas
surface densities (10–103 M% pc−2). Figure 4 in Genzel et al.
(2010; see also Daddi et al. 2010b) also shows that to within the
uncertainties (of about a factor of two), z ∼ 0 and z ∼ 1–3 SFGs
(with galaxy-integrated measurements of CO luminosities and
SFRs) are fit by the same relation, although the gas masses from
the best fits of Genzel et al. (2010) are ∼20% larger than esti-
mated from Equation (2). In Equation (2) we did not correct the
data for the fraction of Hα emission from outflowing gas (see
Section 3.2). This correction is small, with the exception of the

brightest clumps where gas surface densities may be somewhat
overestimated.

The gas surface densities/masses and star formation rates
estimated from Equation (2) and listed in Table 2 are uncertain
by at least a factor of two to three. In addition to the well-
known issue of how to infer molecular gas column densities/
masses from the integrated line flux of an optically thick
CO rotational line (see the in-depth discussion in Tacconi
et al. 2008 and Genzel et al. 2010), and the question of
whether Equation (2) adequately describes the gas to star
formation relation for the physical conditions on clump scales at
z ∼ 2, there is the important issue of differential extinction. We
will argue in Section 3.2 that the asymmetry of broad Hα/[N ii]
line emission is direct evidence for such differential extinction.
It is unclear, however, what the general impact of the differential
extinction would be on clump scales. One might naively expect
that the effect increases gas column densities/masses relative to
averages on larger scales. However, there are almost certainly
also evolutionary effects, such that in a given aperture there
may be very high dust column densities in both neutral clouds
and H ii regions with relatively low extinction. Such spatial
separations of 300 pc to >1 kpc are seen in nearby spirals, such
as M51 (Rand & Kulkarni 1990), as well as at z ∼ 1 (Tacconi
et al. 2010). As a result, the Kennicutt–Schmidt scaling relation
in Equation (2) may break down or be significantly altered on
small scales (e.g., Schruba et al. 2010 in M33 on !80 pc scales).

2.4. Spatial Distribution of the Toomre Q-parameter

A rotating, symmetric and thin gas disk is unstable to
gravitational fragmentation if the Toomre Q-parameter (Toomre
1964) is !1. For a gas-dominated disk in a background potential
(of dark matter and an old stellar component) Q is related
to the local gas velocity dispersion σ 0 (assuming isotropy),
circular velocity vc, epicyclic frequency κ (κ2 = 4 (vc/Rdisk)2 +
Rdisk d(vc/Rdisk)2/dRdisk), gas surface density Σgas, and radius of
the disk Rdisk via the relation (Binney & Tremaine 2008; Escala
& Larson 2008; Elmegreen 2009; Dekel et al. 2009a)

Qgas = σ0κ

πGΣgas
=

(
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Here the constant a takes on the value of 1,
√

2,
√

3, and 2
for a Keplerian, constant rotation velocity, uniform density and
solid body disk; fgas is the gas fraction within Rdisk. If the disk
consists of molecular (H2 + He), atomic (H i + He), and stellar (∗)
components, Qtot

−1 = QH2
−1 + QHi

−1 + Q∗
−1 if all components

have similar velocity dispersions. If there is a (young) stellar
component distributed similarly to the gas, the combined gas
+ young star component will thus have a Qtot that is inversely
proportional to the sum of the gas and stellar surface densities.
In that case fgas should be replaced by the mass fraction fyoung of
that “young” component. Such a disk is unstable (or stable) to
fragmentation by gravity, depending on whether Qtot is less (or
greater) than unity. Equation (3) can be rewritten as

(
σ0

vc

)
=

(
z

Rdisk

)
=

Qfyoung

a
, (4)

where z is the z-scale height of the disk. Gas-rich, marginally
stable disks are thick and turbulent. The largest and fastest
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that this central component in BX482 has ∼20% of the total disk
mass (Genzel et al. 2008; Förster Schreiber et al. 2011a, 2011b).
In either case the absence and/or weakness of emission from
the center has no influence on the analysis we discuss in the
following. Position angles and inclinations are determined as
above. The model data are then convolved with the angular and
spectral resolution profiles and sampled at the observed pixel
scales. The total dynamical mass Mdyn is then varied to achieve
a best-fit match to the observed rotation velocities. To study
the non-axisymmetric motions in a galaxy, the best-fit model
velocity and velocity dispersion maps are subtracted from the
respective observed maps.

We compare these residual maps with Hα surface bright-
ness maps derived from the observed data cubes. Likewise, we
constructed [N ii]/Hα ratio maps from integrated line emission
maps smoothed with a 3 pixel (0.′′15) kernel. We multiplied
these maps with a mask constructed from all pixels with Hα
emission at >3σ significance. We also constructed pixel–pixel
correlation plots of residual velocity dispersion (δσ = σ
(data) − σ (model)) versus Hα surface brightness, and
[N ii]/Hα line ratio versus Hα surface brightness. Before inves-
tigating possible trends in these correlations, we culled pixels
with large δσ or [N ii]/Hα uncertainties. In addition, in the case
of D3a15504 (which has a prominent central bulge, AGN and a
narrow line region), we also removed the nuclear region.

2.3. Determination of Star Formation Rates and Gas Masses

For calculating star formation rates and gas surface densities
from the Hα data, we used the conversion of Kennicutt (1998b)
modified for a Chabrier (2003) IMF (SFR = L (Hα)0/2.1 × 1041

erg s−1). We corrected the observed Hα fluxes for spatially
uniform extinction with a Calzetti (2001) extinction curve
(A (Hα) = 7.4 E(B – V)), including the extra “nebular”
correction (Agas = Astars/0.44) introduced by Calzetti (2001).
We determined E(B – V) from the integrated UV/optical
photometry of the galaxies (row 5 in Table 2). Förster Schreiber
et al. (2009) find that including the extra nebular correction
brings Hα- and UV-continuum-based star formation rates of
z ∼ 2 SINS galaxies into best agreement.

We estimated molecular surface densities (and masses, in-
cluding a 36% helium contribution) from Equation (8) of
Kennicutt et al. (2007), modified for the Chabrier IMF used
here,
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Equation (2) is based on Hα, 24 µm, and CO observa-
tions of M51 and is similar to results for larger samples of
z ∼ 0 SFGs (e.g., Equation (4) in Kennicutt 1998a, and
Figure 4 of Genzel et al. 2010). It has the added advantage
of being based on spatially resolved measurements of the gas to
star formation relation with a similar spatial resolution (0.5 kpc)
as our high-z data and also covering a similar range of gas
surface densities (10–103 M% pc−2). Figure 4 in Genzel et al.
(2010; see also Daddi et al. 2010b) also shows that to within the
uncertainties (of about a factor of two), z ∼ 0 and z ∼ 1–3 SFGs
(with galaxy-integrated measurements of CO luminosities and
SFRs) are fit by the same relation, although the gas masses from
the best fits of Genzel et al. (2010) are ∼20% larger than esti-
mated from Equation (2). In Equation (2) we did not correct the
data for the fraction of Hα emission from outflowing gas (see
Section 3.2). This correction is small, with the exception of the

brightest clumps where gas surface densities may be somewhat
overestimated.

The gas surface densities/masses and star formation rates
estimated from Equation (2) and listed in Table 2 are uncertain
by at least a factor of two to three. In addition to the well-
known issue of how to infer molecular gas column densities/
masses from the integrated line flux of an optically thick
CO rotational line (see the in-depth discussion in Tacconi
et al. 2008 and Genzel et al. 2010), and the question of
whether Equation (2) adequately describes the gas to star
formation relation for the physical conditions on clump scales at
z ∼ 2, there is the important issue of differential extinction. We
will argue in Section 3.2 that the asymmetry of broad Hα/[N ii]
line emission is direct evidence for such differential extinction.
It is unclear, however, what the general impact of the differential
extinction would be on clump scales. One might naively expect
that the effect increases gas column densities/masses relative to
averages on larger scales. However, there are almost certainly
also evolutionary effects, such that in a given aperture there
may be very high dust column densities in both neutral clouds
and H ii regions with relatively low extinction. Such spatial
separations of 300 pc to >1 kpc are seen in nearby spirals, such
as M51 (Rand & Kulkarni 1990), as well as at z ∼ 1 (Tacconi
et al. 2010). As a result, the Kennicutt–Schmidt scaling relation
in Equation (2) may break down or be significantly altered on
small scales (e.g., Schruba et al. 2010 in M33 on !80 pc scales).

2.4. Spatial Distribution of the Toomre Q-parameter

A rotating, symmetric and thin gas disk is unstable to
gravitational fragmentation if the Toomre Q-parameter (Toomre
1964) is !1. For a gas-dominated disk in a background potential
(of dark matter and an old stellar component) Q is related
to the local gas velocity dispersion σ 0 (assuming isotropy),
circular velocity vc, epicyclic frequency κ (κ2 = 4 (vc/Rdisk)2 +
Rdisk d(vc/Rdisk)2/dRdisk), gas surface density Σgas, and radius of
the disk Rdisk via the relation (Binney & Tremaine 2008; Escala
& Larson 2008; Elmegreen 2009; Dekel et al. 2009a)
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for a Keplerian, constant rotation velocity, uniform density and
solid body disk; fgas is the gas fraction within Rdisk. If the disk
consists of molecular (H2 + He), atomic (H i + He), and stellar (∗)
components, Qtot

−1 = QH2
−1 + QHi

−1 + Q∗
−1 if all components

have similar velocity dispersions. If there is a (young) stellar
component distributed similarly to the gas, the combined gas
+ young star component will thus have a Qtot that is inversely
proportional to the sum of the gas and stellar surface densities.
In that case fgas should be replaced by the mass fraction fyoung of
that “young” component. Such a disk is unstable (or stable) to
fragmentation by gravity, depending on whether Qtot is less (or
greater) than unity. Equation (3) can be rewritten as
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where z is the z-scale height of the disk. Gas-rich, marginally
stable disks are thick and turbulent. The largest and fastest
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Q~1 ⇒ fgas~σ/v ~ 0.5

(Elmegreen 2009)

c.f. < 106M⊙ at z = 0

MJeans ∼
σ4

G2Σg
∼ f3

gasMgal

∼ 108 − 109M⊙
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Figure 10: The ratio of gas mass to stellar mass (Mgas/Mstars), for various galaxy
samples. The green circles are from the z=0 HERACLES nearby galaxy sample
(Leroy et al. 2009) where we only include galaxies with stellar masses > 1010 M!,
to be consistent with the high–z samples plotted. All the points plotted assume
α ∼ 4. The green curve follows Mgas/Mstars =0.1×(1+ z)2 (e.g. Geach et al.
2011).

High-z galaxies are gas rich

Carilli & Walter (2013).
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What is the kinematic disk fraction?

• Surveys find ~30–50% disks (albeit turbulent/high 
dispersion) in hetereogenous samples. (See my 
Dawes review arXiv:1305.2469)

• Fractions in clean mass selected samples? 
Dependence on mass, SFR, z, environment?

• What about quiescent galaxies?
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High-Redshift Red Disks
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Figure 2. HST/WFC3 F160W imaging of our sample of massive, quiescent z ∼ 2 galaxies (all with HF160W < 23). The deconvolved images are shown directly below
the original images. Photometric redshifts, stellar masses (in units of 1011 M"), Sersic indices, and axis ratios from one-component profile fits, as well as the scale of
the images, are indicated. Ellipses indicate best-fitting axis ratios and sizes from GALFIT—the area of the ellipse corresponds to that of a circle with a radius that is
twice the circularized half-light radius. All galaxies are clearly resolved and many are flattened in projection, indicative of a disk-like stellar structure.

Rb, eff = 0.33 kpc
Rd = 1.7 kpc

B/T = 0.25 B/T = 0.43

Rb, eff = 0.58 kpc
Rd = 1.9 kpc

Rb, eff = 0.34 kpc
Rd = 1.4 kpc

B/T = 0.26

Rb, eff = 0.71 kpc
Rd = 3.7 kpc

B/T = 0.52

Figure 3. Top: F098N+F160W color composites for galaxies 11, 8, 2, and 5 from Figure 2, ordered by axis ratio. These four examples are chosen because of their
flatness, with the exception of no. 5, which appears to have a compact bulge-like component surrounded by a more extended, disk-like component. There is no strong
indications for color gradients, suggesting that the disk components of these galaxies are not strongly star forming. Bottom: two-component model fits (without PSF
smearing) for the same galaxies. The white and black ellipses indicate twice the size of the half-light ellipses for bulge-like and disk-like components, respectively.
B/T is the ratio of the light in the model for the bulge-like component and the light of the models for the two components combined. “Rd” is the exponential scale
length as measured along the major axis of the disk-like component, which we calculate by dividing the semimajor axis of the “half-light ellipse” by 1.6. “Rb,eff” is
the circularized half-light radius of the bulge-like component.

If we conservatively assume that none of the other seven
galaxies are disk dominated (i.e., they have weight 0), then we
infer that 40%±15% of the population of massive, quiescent z ∼
2 galaxies is disk dominated. This number and its uncertainty

include the weights as specified above and the uncertainty due
to the small sample size.

However, some of the seven non-classified galaxies, for
example, nos. 7 and 13, have small axis ratios. Therefore, it

3

van der Wel et al. (2011)  z~2
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My new list of fundamental problems

1. What are the kinematic morphology fractions at 
z>0.5?

2. What is the galaxy merger rate?

3. What drives turbulence in high-z disks?

4. How do ‘clumps’ drive galaxy evolution?

5. How does the Tully-Fisher relation evolve?

6. Is the IMF and SFL Universal in space and time?
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Different approaches to merger rate

• Close pairs

• Close pairs near in redshift space (spec-z or 
photo-z)

• Irregular morphology

• Irregular kinematics
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3 RESULTS

3.1 Merger fraction

3.1.1 Close-pair method

We follow an approach similar to Patton et al. (2000) for calcu-
lating major merger fractions for our galaxies based on the pair
method. First, we separate our galaxies into two redshift bins, with
1.7 < z < 2.3 for the first group (containing 44 galaxies) and
2.3 < z < 3.0 for the second group (containing 38 galaxies). The
method for assigning potential pairs is relatively straightforward.
We assign any galaxy within 30 kpc, in physical units (assuming
H0 = 70 km s−1 Mpc−1), of our host galaxy to be a count, if it
is within ±1.5 of the host galaxy magnitude. To calculate a pair
fraction, we sum up the number of galaxies within 30 kpc of all of
our host galaxies and divide by the total number of galaxies. This
would be an accurate pair fraction if we had precise redshifts for all
of the galaxies in our sample, and included in the summation only
those at the same redshift as the host. As we have redshifts only for
our host galaxies, we do not know if any particular galaxy within
30 kpc is a real pair or just foreground or background contamination.

We correct for contamination by calculating the probability of a
close galaxy being a pair by chance from our surface number counts.
These number counts are taken around the objects to minimize
clustering effects. We then subtract this correction from our running
pair total. Specifically, we calculate

corr =
∫ m+1.5

m−1.5
ρ(m′)π(r2

30 kpc − r2
5 kpc) dm′. (1)

Where ρ(m′) is the surface density of galaxies in the survey, in the
magnitude range ±1.5 of the magnitude of the host galaxy. r30 kpc

and r5 kpc are distances of 30 and 5 kpc from the host galaxy’s centre,
respectively. Essentially, this expression corresponds to calculating
how many galaxies in the whole survey are within ±1.5 of the
magnitude of the host galaxy, and dividing this number by the total
area of the survey. We then multiply by the area within the annulus
marked out by the radii 5 and 30 kpc, which is done to avoid
miscounting due to blending with the host galaxy. This gives an
expectation value for the number of galaxies one would expect to see
within 30 kpc of the host galaxy purely by chance. Although massive
galaxies at high redshifts are highly clustered, our correction is
based upon the densities of objects centred around these systems.
This value is then subtracted from the number counts to obtain a
major pair fraction thus

fm = 1
N

i=N∑

i=1

(countsi − corri). (2)

Where N is the total number of galaxies in the summation. We use
the values of ±1.5 for the magnitude range to select major (1:4)
mergers only (where we are complete). Furthermore, we adopt the
convention of setting 30 kpc as our pair distance to be in line with
Patton et al. (2000) and Bundy et al. (2004). This allows us to make
fruitful comparisons, and also follows rough theoretical arguments
for the likelihood of a major close-pair becoming a major merger
in a short (∼400 Myr) time-scale. The merger fractions derived via
close pair methods at d = 30 kpc also have a similar time-scale
to the merger fractions calculated via CAS methods. For further
discussion on this and the characteristic time-scales relevant to these
two approaches, see Conselice, Yang & Bluck (2008).

We find a pair fraction of f m = 0.29 ± 0.06 for the whole sample
at 1.7 < z < 3.0. Within the range 1.7 < z < 2.3, we calculate a pair

Figure 1. The merger fraction evolution of M∗ > 1011 M% galaxies. The
red squares are taken from POWIR data, with merger fractions calculated
via CAS morphologies (Conselice et al. 2007). The blue circles are taken
from POWIR data, with merger fractions calculated via close-pair methods.
Blue triangles are taken from the GNS, with merger fractions calculated
via close-pair methods. The green circle represents the local universe value
(calculated in de Propris et al. 2007). The solid line is a best-fitting power
law, to the high-z data, of the form f m = 0.008(1 + z)3, with dotted line
being a best-fitting power-law exponential, to the high-z data, of the form
f m = 0.008(1 + z)0.3 exp[1.0(1 + z)2].

fraction f m = 0.19 ± 0.07 and within the range 2.3 < z < 3.0 we
calculate a pair fraction f m = 0.40 ± 0.10. These are considerably
higher values than those found by Conselice et al. (2008) for similar
mass objects at z < 1.4. We do not make any correction to transform
our pair fractions into merger fractions, unlike Patton et al. (2000)
and Rawat et al. (2008). This is because both morphological and
close pair methods likely trace merging but have different time-
scales. A detailed investigation of the differing time-scales traced by
morphological and pair methods in Conselice, Yang & Bluck (2008)
suggests that the time-scale for 30 kpc pairs and morphologically
selected mergers is very close. Moreover, we go on to calculate the
pair fractions for the POWIR survey massive galaxies, to directly
compare these values to the GNS massive galaxies (see Fig. 1).

N-body simulations from Wetzel et al. (2008) suggest that pair
fraction methods may underestimate the number of true major merg-
ers, as pairs at higher separations may also merge. If this is true, it
suggests that the real merger fractions may be higher than what we
calculate. But, since the calculated merger fractions in this Letter are
very high, this will not change the thrust of our conclusions and may
even make them stronger. Our pair fractions are plotted alongside
lower redshift points from the POWIR survey, with merger fractions
estimated via CAS methods (Conselice et al. 2007) and close pairs
(calculated in this Letter), and with a local universe value calcu-
lated in de Propris et al. (2007) based on morphological methods in
Fig. 1. For a detailed explanation of morphological techniques, see
Conselice et al. (2007).

3.1.2 Merger fraction evolution

We plot a fit of the form f m = f 0(1 + z)m to all POWIR and
GNS points (solid line in Fig. 1), and find a best fit to the free
parameters of f 0 = 0.008 ± 0.003 and m = 3.0 ± 0.4. Our value
of f0 compares very favourably to the accepted local universe value
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de Ravel et al. 2009, for details). We measured the median-
weighted stellar mass from MASSIV sources in each of the
three redshift bins under study, and estimated the merger time
scale for these stellar masses. These time scales already include
the factor Cm (see Patton & Atfield 2008; Bundy et al. 2009;
Lin et al. 2010; López-Sanjuan et al. 2011), so we take Cm = 1
in the following. In addition, López-Sanjuan et al. (2011) show
that the time scales from Kitzbichler & White (2008) are equiv-
alent to that from the N−body/hydrodynamical simulations by
Lotz et al. (2008). However, we stress that these merger time
scales have an additional factor of two uncertainty in their nor-
malization (e.g., Hopkins et al. 2010; Lotz et al. 2011). We sum-
marize the stellar masses, the merger time scales and the gas-
rich major merger rates in Table 2. As for the merger faction,
MASSIV data suggests a nearly constant major merger rate at
0.9 < z < 1.8, RMM ∼ 0.12 Gyr−1 (Fig. 25). We study in details
the evolution of the major merger rate at z ! 1.5 in Sect. 6.2.

6. The redshift evolution of the gas-rich major
merger fraction and rate up to z ∼ 1.5

In this section we use the MASSIV results at z > 1 to expand the
study of the gas-rich major merger fraction (Sect. 6.1) and rate
(Sect. 6.2) from spectroscopic close pairs to the redshift desert.
Then, we explore the importance of gas-rich major mergers in
the assembly of the red sequence since z ∼ 1.5 in Sects. 6.3 and
6.4.

6.1. The redshift evolution of the gas-rich major merger
fraction

In this section we compare the merger fraction from MASSIV
with those from previous works. Because the merger fraction
evolution depends on mass (i.e., de Ravel et al. 2009, 2011), lu-
minosity (i.e., de Ravel et al. 2009; López-Sanjuan et al. 2010a)
and colour (i.e., Lin et al. 2008; Chou et al. 2011), we focus on
samples with M! ∼ 1010−10.5 M# (Salpeter 1955 IMF) to mini-
mize systematics. In addition, this mass regime is greatly dom-
inated by gas-rich (wet) mergers, as those that we observe in
MASSIV, at least at z " 0.2 (Lin et al. 2008; de Ravel et al.
2009; Chou et al. 2011).

We define the major (µ ≥ 1/4) merger fraction normalized
to rmaxp = 20h−1 kpc as

fMM(20, 1/4) = Cp F(µ)
(

20h−1 kpc
rmaxp

)0.95

fMM(rmaxp , µ), (7)

where the factor Cp = rmaxp /(rmaxp − rminp ) accounts for the miss-
ing close companions at small radii in those studies with rminp > 0
(e.g., Bell et al. 2006), and the factor F(µ) translates the merger
fraction for a given µ to the major merger fraction using the fMM
dependence on µ derived by López-Sanjuan et al. (2011, 2012)
and Xu et al. (2012), fMM ∝ µ−0.9±0.4. The search radius depen-
dence of the major merger fraction, fMM ∝ r0.95p , is the empirical
one from López-Sanjuan et al. (2011). With Eq. 7 we avoid sys-
tematic differences due to the close pair definition when compar-
ing different works.

de Ravel et al. (2009) study the major merger fraction of
M! ≥ 109.75 M# (M! ∼ 1010.25 M#) galaxies in VVDS-Deep
by spectroscopic close pairs, while López-Sanjuan et al. (2011)
provide the major merger fraction of blue (star-forming) galax-
ies with M! ∼ 1010.55 M# in the same sample. In both studies

0.0 0.5 1.0 1.5

z

0.01

0.05

0.1

0.3

f M
M

MASSIV
VVDS-Deep
DEEP2
COSMOS
2MASS/SDSS

fMM ∝ (1 + z)3.91

Fig. 24. Gas-rich major merger fraction of M! ∼ 1010−10.5 M#
galaxies as a function of redshift. Circles are from this MASSIV
data set, triangles are from de Ravel et al. (2009) and inverted
triangles are from López-Sanjuan et al. (2011), both in VVDS-
Deep, right-pointing triangles are from Lin et al. (2008) in
DEEP2 redshift survey, pentagons are from Xu et al. (2012) in
the COSMOS field, and the hexagon is from Xu et al. (2012) in
2MASS/SDSS. The solid line is the least-squares fit of a power-
law function, fMM = 0.0066×(1+z)3.91, to the data. The grey area
marks the 3σ confidence interval in the fit. [A colour version of
this plot is available at the electronic edition].

rmaxp = 100h−1 kpc. Lin et al. (2008) report the number of com-
panions of −21 ≤ MB + 1.3z ≤ −19 galaxies (M! ∼ 1010.25 M#)
with 10h−1 kpc ≤ rp ≤ 30h−1 kpc in three DEEP2 redshift
survey (Davis et al. 2003) fields. Their principal and compan-
ion sample are the same, so they miss major companions near
to the selection boundary. Thus, we apply an extra factor 1.74
to Eq. 7 to account for these missing companions (Lin et al.
2004). Xu et al. (2012) measure the fraction of galaxies in close
pairs with µ ≥ 1/2.5 in the COSMOS4 (Cosmological Evolution
Survey, Scoville et al. 2007) and SDSS5 (Sloan Digital Sky
Survey, Abazajian et al. 2009) surveys for M! ∼ 1010.2 M#
galaxies. We applied a factor 0.5 to pass from their number
of galaxies in close pairs to the number of close pair systems
in the sample (C. K. Xu, private communication), and a factor
F(1/2.5) = 1.5 ± 0.3 to obtain the major merger fraction. All
these published (gas-rich) major merger fractions are shown as a
function of redshift in Fig. (24), together with the values derived
from MASSIV.

We parametrize the redshift evolution of the (gas-rich) major
merger fraction with a power-law,

fMM = fMM,0 (1 + z)m. (8)

The least-squares fit to all the data in Fig. 24 yields fMM,0 =
0.0066 ± 0.0006 and m = 3.91 ± 0.16. We find good agree-
ment between all works, with the MASSIV point at z ∼ 1 being
higher than expected from the fit, but consistent within errors
with the measurement of Lin et al. (2008) at that redshift. In the
next section we show that this difference disappears when the
stellar mass of the samples is taken into account, emphasizing
the importance of comparing results from similar parent sam-
ples.

4 http://cosmos.astro.caltech.edu
5 http://www.sdss.org/
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MASSIV: López-Sanjuan, et al. 
(2012) based on spec. pairs

Rmerg =
fmerg

Tmerg

Tmerg ~ 1–2 Gyr ⇒ 0.1–0.2 per Gyr or ~ 1–2 since z~2

100% at 
z=2.5?

IMAGES z~0.6 kinematics

SINS: 33% 
based on  

kinematics
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Quantifying kinematic irregularity
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  rotators

Epinat et al. 2012 formation rate of !100 M" yr#1 (as measured from H! ), to-
gether with the assumption of a constant star formation rate, all
the stars in this system could have been formed in !500 Myr
(Genzel et al. 2006). This number agrees well with the stellar age
measured from the SED fitting (300Y800 Myr), making it likely
that this system formed rapidly with continuous star for-
mation (and therefore mass inflow) at its current rate (Genzel
et al. 2006). Given that the above analysis (Fig. 7) indicates that
this system has not undergone any recent major merger activity,
and given that this system is typical for its population, our re-
sults provide new and direct empirical evidence that the smooth
accretionmechanism can play an important role in the early stages
of the evolution of massive galaxies.

The diagnostic tool described here is critical in expanding
our understanding of structure formation and evolution in the
early universe.With current extensive data sets of high-z systems,
including broadband photometry and integral-field kinematic ob-
servations, much can be learned about the stellar populations, star
formation processes, and nuclear activity of the galaxies evolving
in a critical epoch of the universe’s history. We now add another
crucial piece to the study of high-z systems, by introducing a
method to quantitatively evaluate the dynamical state of a system
and therefore to link that system’s observed properties with ama-
jor merger event or with a more quiescent evolutionary history.

5.2. H! as a Probe of a System’s Dynamics

The reliability of using H! emission to study the structure
of a galaxy is, at first glance, rather unclear. The motions of the
warm gas are not guaranteed to reflect those of the underlying
stellar distribution, since the former component is much more
easily disturbed—with gravity or pressure fluctuations—than

the more massive, collisionless stars. On the other hand, the dis-
sipative gas component also more efficiently relaxes into a thin
disk and could conceivably demonstrate ordered rotational mo-
tion while disturbances in the stellar (and mass) distribution per-
sist (e.g., Mihos & Hernquist 1996). These competing effects,
together with the ambiguity caused by the limitations of spatial
resolution, could conceivably render it difficult to interpret the
kinematics of the warm gas as uniquely representing a disk or a
merger.

Furthermore, the kinematics of thewarm gas are also expected
to reflect such phenomena as the large-scale gas flows that feed
active nuclei and the powerful galactic winds fromAGN/starburst
activity, both of which at z ! 2 are thought to play an important
role in regulating the star formation history of the universe. For
this reason, we designed our criteria with input from templates
that were likely to include as many of these phenomena as pos-
sible. Our sample of disks includes a kinematically perturbed
system, several barred systems, and two Seyfert galaxies. One of
these active systems (NGC 4579) is a barred galaxy in which the
radial motion of the gas is clearly visible as a strong velocity
gradient along the minor axis (Gonzalez Delgado & Perez 1996;
Daigle et al. 2006). We also observe such an inflow in a SINS
system, BzK-15504, as described by Genzel et al. (2006). In this
system, a strong velocity gradient is also seen along the minor
axis, in the form of a high A1;v term, presumably corresponding
to the driving of fuel toward a growing bulge with an embedded
active nucleus (Genzel et al. 2006).We can nevertheless robustly
identify both the ‘‘redshifted’’ NGC 4579 and BzK-15504 as
disks, since the kinemetric signature of the inflows is restricted to
the A1;v coefficient, which is excluded from our analysis for pre-
cisely this reason (and could potentially be used in future work as

Fig. 7.—Asymmetrymeasure of the velocity and velocity dispersion fields for the SINS programgalaxies that have high enough quality data for such analysis, overplotted on
the disk andmerger template PDFs fromFig. 5. The line indicates the division between disks andmergers atKasym ¼ 0:5. The probable disks identified by Förster Schreiber et al.
(2006) andGenzel et al. (2006) are indicated herewith green triangles. Themerger identified by Förster Schreiber et al. (2006) is shown as the cyan square. Sample velocity fields
of SINS disk-like and merger-like systems are shown at right; the full analysis of the SINS sample is recorded in Table 2 and shown in Figs. 13 and 14 in the Appendix.

KINEMETRY OF HIGH-REDSHIFT GALAXIES 241No. 1, 2008

Shapiro et al. 2008
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What we don’t know about 
the merger rate

• Inconsistencies between kinematic and close pair 
methods? Homogenous samples?

• What are the time scales of the various methods?

• What is the dependency on galaxy mass ratio/
colour?

• Can we develop 3D non-parametric measures of 
kinematic disturbance?
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My new list of fundamental problems

1. What are the kinematic morphology fractions at 
z>0.5?

2. What is the galaxy merger rate?

3. What drives turbulence in high-z disks?

4. How do ‘clumps’ drive galaxy evolution?

5. How does the Tully-Fisher relation evolve?

6. Is the IMF and SFL Universal in space and time?
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Turbulence is high16 Green et al.
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Fig. 12.— Star formation rate and turbulence are correlated in star-forming objects of all scales and redshifts. Data from a variety of

low- and high-redshift galaxies are shown (described in detail in § 5.6). Also shown are (unresolved) velocity dispersion measurements of

local H II regions. The velocity dispersions do not include large scale velocity shear (e.g., from disc rotation). Methods for determining

star-formation rates vary between samples, and systematic differences in method may account for much of the scatter. A correlation

(Pearson’s R = 0.72) is seen in the data.

Garrido et al. 2002), Epinat et al. (2009), and Lemoine-

Busserolle et al. (2010b). We have added several samples

of galaxies at high redshift, including SINS (Cresci et al.

2009), MASSIV (Contini et al. 2012), WiggleZ (Wis-

nioski et al. 2011) and the samples of Lemoine-Busserolle

et al. (2010b); Jones et al. (2010) and Swinbank et al.

(2012). Notable among these is the sample of Jones et al.

(2010), which includes higher spatial resolution data than

is typically possible for these redshifts by leveraging grav-

itational lenses. At intermediate redshift, we include the

IMAGES (Yang et al. 2008) survey. In the local universe,

we add the Lyman-Break Analogs sample of Gonçalves

et al. (2010), and local giant H II regions and galaxies

from Terlevich & Melnick (1981).

In all cases, the star-formation rates have been cor-

rected for dust extinction and scaled to our adopted

Chabrier (2003) IMF. However, the methods used to

determine the star-formation rates vary (Hα-luminosity

scaling, fits to spectral-energy distributions, ultra-violet-

luminosity scaling) and therefore are not entirely consis-

tent (see § 5.2). The positions of the DYNAMO galaxies

are shown using the beam-smearing-corrected mean ve-

locity dispersion, σm,corr. For most of the other samples,

galaxies are shown using the σm measure of velocity dis-

persion. Exceptions are the GHASP sample, which uses

an un-weighted mean; the sample of Epinat et al. (2009),

who weight individual velocity dispersions in the average

by inverse-error; the IMAGES sample, which uses an un-
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What drives turbulence?

• Source not specified by Q~1 Toomre disk model

• Cosmic accretion?

• Gravitation instability (clump formation, clump-
clump interactions) ?

• SFR feedback?
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Observational tests?

• Stellar velocity dispersions = ionized gas?

• Cold gas dispersions = ionized gas? [YES, so far]

• Dependence of σ on SFR density, Mass density, 
inclination?
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Edge on disks have higher dispersion?
1240 AUMER ET AL. Vol. 719
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Figure 9. Vertical velocity dispersion σz vs. surface density Σ. Upper panel:
model A at 95 Myr (black), 280 Myr (blue), and 400 Myr (red). Middle
panel: model B at 235 Myr (black), 375 Myr (red), and 400 Myr (blue). Lower
panel: model C at 250 Myr (black), 355 Myr (blue), and 460 Myr (black).
(A color version of this figure is available in the online journal.)

Imaging survey in the Near-infrared with SINFONI (SINS;
Förster Schreiber et al. 2006, 2009; blue dots) and other high-z
disks (red squares; Epinat et al. 2009; Stark et al. 2008; van
Starkenburg et al. 2008; Wright et al. 2007) as a function of the
inclination angle i, under which the disk has been observed.
The observations reveal a systematic variation of velocity
dispersion with sin(i), where disks that have been observed
under the lowest inclination angle (sin(i) = 0.4) show the lowest
dispersions σintrinsic. These disks typically have a dispersion
of σintrinsic ∼ 40 km s−1, whereas strongly inclined systems
show values as high as σintrinsic ∼ 90 km s−1. This is similar
to our results displayed in Figures 7 and 8, where the vertical
dispersion σz,glob, which is equal to the line-of-sight dispersion
for face-on disks (sin(i) = 0.0), is systematically lower than
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Figure 10. Intrinsic velocity dispersion σintrinsic vs. sin(i), where i is the
inclination angle, under which the disk was observed. Blue dots are for SINS
galaxies (Förster Schreiber et al. 2009) and red squares are for other disks (for
references see the text).
(A color version of this figure is available in the online journal.)
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Figure 11. Global vertical and radial velocity dispersion σz,glob and σR,glob vs.
time t for stars and gas in model SF.
(A color version of this figure is available in the online journal.)

the radial dispersion σR,glob, which contributes to σintrinsic more
strongly for more inclined disks. Unfortunately, no data for
face-on disks are yet available, and the line-of-sight velocities
of disks with sin(i) = 0.4 still have significant contributions
from radial velocities. The lowest values for σintrinsic tend to be
slightly higher than the values for σz,glob in our simulations, with
model B being the best match to these observations.

3.5. Stellar Disk Scale Heights

Finally, we study whether small vertical gas velocity disper-
sions also lead to cold stellar disks with small scale heights. The
global gas velocity dispersion σgas,glob in model SF, which is dis-
played in Figure 11, initially exhibits similar behavior to model
B. However, because of the lack of distinct clumps and clump
interactions the increase in the global radial velocity dispersion
σR,gas,glob is delayed and limited to values of ∼40–70 km s−1.
The vertical velocity dispersion σz,gas,glob declines similarly to
the gas-only models.

We calculate global stellar velocity dispersions σstars,glob at a
certain time T in model SF including all stellar particles that

z~2

Aumer et al. 2010
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No. 2, 2009 KINEMATICS OF HIGH-REDSHIFT GALAXIES 2063

 

 

 

 

Figure 2. OSIRIS maps of nebular emission ([O iii] for Q1623-BX543 and DSF2237a-C2, Hα for all others). Panels represent (left to right) flux, relative velocity,
and velocity dispersion maps. Individual pixels measure 25 mas, the total field of view varies from target to target as needed to contain the emission-line regions. The
FWHM of the PSF (after smoothing described in Section 2.3) is indicated in the left-hand panel for each galaxy. Contours represent linear intervals in line flux density.
All images are presented in a standard orientation with north up, and east left. The red lines indicate the “slits” used to extract the one-dimensional velocity curves
shown in Figure 5. The red × marks indicate the location of peak [N ii] emission (when present). Lone pixels are likely noise artifacts rather than genuine galaxy
features.

et al. (2004, 2006) and Law et al. (2007b) due to systematic
differences in the observational data. First (and most important)
the quasi-Petrosian isophotal cut simply selects all pixels above
our S/N ratio threshold for nearly all of our galaxies since our
method of constructing the lowest noise flux maps has artificially
eliminated all of the fainter galaxy pixels for which it was not

possible to fit a reliable emission-line spectrum. While this is
clearly not ideal from a morphological standpoint, for our lowest
surface brightness sources (e.g., HDF-BX1564) this spectral
line fitting method and associated S/N cut is frequently the only
mechanism by which we can reliably distinguish any features
from the background noise at all. Our isophotal cut generally

Law et al. 2009

2064 LAW ET AL. Vol. 697

Figure 2. (Continued)

does not reach surface brightness levels as low as those of many
narrowband studies; this results in lower values of G than are
normally derived in the rest-frame UV (e.g., Lotz et al. 2004,
2006; Law et al. 2007b) as there is less contrast among pixels
in the segmentation map. In contrast, the multiplicity parameter
Ψ is relatively robust to such surface brightness variations and
still reliably indicates the presence of multiple components in
the light profile. Additionally, many of the galaxies observed
are only a few times the size of the observational PSF (which
can vary considerably from galaxy to galaxy) which also has

an impact on the numerical classification of the morphology.
We therefore recommend that these morphological statistics be
interpreted in a relative, rather than absolute, sense.

Four of our target galaxies (HDF-BX1564, Q1700-BX490,
Q1700-BX710, and Q1700-BX763) lie in fields for which
deep optical imaging data have been obtained with HST-ACS.
These data in the HDF and Q1700 fields have been described
by Law et al. (2007b) and Peter et al. (2007), respectively.
The comparative morphologies of HST-ACS (i.e., tracing the
rest-UV continuum) and OSIRIS Hα emission are shown in

WIGGLEZ LUMINOUS STAR-FORMING GALAXIES 7

Figure 3. cont.
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Wisnioski et al. 2011

z>1
v/σ<1
r<2 kpc
M~few x 1010 M⊙

Dominate at low masses
Typically ~30% of samples 
> 1010 M⊙

‘Dispersion dominated’ 
galaxies
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My new list of fundamental problems

1. What are the kinematic morphology fractions at 
z>0.5?

2. What is the galaxy merger rate?

3. What drives turbulence in high-z disks?

4. How do ‘clumps’ drive galaxy evolution?

5. How does the Tully-Fisher relation evolve?

6. Is the IMF and SFL Universal in space and time?



Karl Glazebrook, SUT

Elmegreen & Bournard (2008) 
Fig. 3.—Same as Fig. 2, but for run 0B,where a primordial bulge of 10%of the diskmass is initially present in themodel. The initial bulge stars are not shown here; only

the gas and stars from the initial disk are shown.

Fig. 2.—Face-on snapshots of the disk mass density (gas and stars) for run 0N, which has a cuspy dark matter profile. Time is in Myr. Clumps form quickly in the disk
and move to the center, where they coalesce into a bulge within 1 Gyr. Extra star formation in the bulge region is triggered at the time of merging as well. A few clumps
remain in the disk when the simulation ends.

Do clumps build bulges?
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The Astrophysical Journal, 753:114 (25pp), 2012 July 10 Wuyts et al.

Figure 2. (Continued)

2011a). In the resolved case, the SFR-weighted age of a galaxy
is computed equivalently:

agew, resolved =
∑Npix

i=1

∫ tobs

0 SFRi(t)(tobs − t) dt
∑Npix

i=1

∫ tobs

0 SFRi(t) dt
. (3)

While for galaxies that from integrated photometry are inferred
to be the oldest, the age estimate does not depend sensitively on
the adopted approach, the recovered age of the younger systems
(or at least those inferred to be the youngest from their integrated
photometry) can increase by up to an order of magnitude in
the most extreme cases when taking into account the resolved
photometric constraints. Outshining of the underlying older

7
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My new list of fundamental problems

1. What are the kinematic morphology fractions at 
z>0.5?

2. What is the galaxy merger rate?

3. What drives turbulence in high-z disks?

4. How do ‘clumps’ drive galaxy evolution?

5. How does the Tully-Fisher relation evolve?

6. Is the IMF and SFL Universal in space and time?
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Tully-Fisher disagreement
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Evolution of the zeropoint?
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My new list of fundamental problems

1. What are the kinematic morphology fractions at 
z>0.5?

2. What is the galaxy merger rate?

3. What drives turbulence in high-z disks?

4. How do ‘clumps’ drive galaxy evolution?

5. How does the Tully-Fisher relation evolve?

6. Is the IMF and SFL Universal in space and time?
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IMF variations?

• Low mass SFGs may have steeper IMF (Hoversten & 
Glazebrook 2008, Meurer et al. 2009)

• High mass ellipticals may be ‘bottom heavy’ (van 
Dokkum & Conroy 2010, Cappellari et al. 2012)

• IMF may vary with redshift (van Dokkum 2008, Davé 2008)

• IMF cutoff scales with Jean’s mass? (Narayanan & Davé 2012) 
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5
L120 DADDI ET AL. Vol. 714

Figure 2. SFR density as a function of the gas (atomic and molecular) surface
density. Red filled circles and triangles are the BzKs (D10; filled) and z ∼ 0.5
disks (F. Salmi et al. 2010, in preparation), brown crosses are z = 1–2.3 normal
galaxies (Tacconi et al. 2010). The empty squares are SMGs: Bouché et al.
(2007; blue) and Bothwell et al. (2009; light green). Crosses and filled triangles
are (U)LIRGs and spiral galaxies from the sample of K98. The shaded regions
are THINGS spirals from Bigiel et al. (2008). The lower solid line is a fit to
local spirals and z = 1.5 BzK galaxies (Equation (2), slope of 1.42), and the
upper dotted line is the same relation shifted up by 0.9 dex to fit local (U)LIRGs
and SMGs. SFRs are derived from IR luminosities for the case of a Chabrier
(2003) IMF.
(A color version of this figure is available in the online journal.)

measured at a higher signal-to-noise ratio. Again, we find that
the populations are split in this diagram and are not well fit by a
single sequence. Our fit to the local spirals and the BzK galaxies
is virtually identical to the original K98 relation:

log ΣSFR/[M" yr−1 kpc−2]

= 1.42 × log Σgas/[M" pc−2] − 3.83. (2)

The slope of 1.42 is slightly larger than that of Equation (1),
with an uncertainty of 0.05. The scatter along the relation is
0.33 dex. Local (U)LIRG and SMGs/QSOs are consistent with
a relation having a similar slope and normalization higher by
0.9 dex, and a scatter of 0.39 dex.

Despite their high SFR � 100 M" yr−1 and ΣSFR � 1 M"
yr−1 kpc−2, BzK galaxies are not starbursts, as their SFR can
be sustained over timescales comparable to those of local spiral
disks. On the other hand, M82 and the nucleus of NGC 253 are
prototypical starbursts, although they only reach an SFR of a
few M" yr−1. Following Figures 1 and 2, and given the ∼1 dex
displacement of the disk and starburst sequences, a starburst
may be quantitatively defined as a galaxy with LIR (or ΣSFR)
exceeding the value derived from Equation (1) (or Equation (2))
by more than 0.5 dex.

The situation changes substantially when introducing the dy-
namical timescale (τdyn) into the picture (Silk 1997; Elmegreen
2002; Krumholz et al. 2009; Kennicutt 1998). In Figure 3,
we compare Σgas/τdyn to ΣSFR. Measurements for spirals and
(U)LIRGs are from K98, where τdyn is defined to be the rota-

Figure 3. Same as Figure 2, but with the gas surface densities divided by the
dynamical time. The best-fitting relation is given in Equation (3) and has a slope
of 1.14.
(A color version of this figure is available in the online journal.)

tion timescale at the galaxies’ outer radius (although Krumholz
et al. 2009 use the free-fall time). For the near-IR/optically se-
lected z = 0.5–2.3 galaxies, we evaluate similar quantities at the
half-light radius. Extrapolating the measurements to the outer
radius would not affect our results substantially. Quite strikingly,
the location of normal high-z galaxies is hardly distinguishable
from that of local (U)LIRGs and SMGs. All observations are
well described by the following relation:

log ΣSFR/[M" yr−1 kpc−2]

= 1.14 × log Σgas/τdyn/[M" yr−1 kpc−2] − 0.62, (3)

with a slope error of 0.03 and a scatter of 0.44 dex. The
remarkable difference with respect to Figures 1 and 2 is due
to the fact that the normal high-z disk galaxies have much
longer dynamical timescales (given their large sizes) than local
(U)LIRGs.

We can test if this holds also for integrated quantities by
dividing the gas masses in Figure 1 by the average (outer radius)
dynamical timescale in each population. Spirals and (U)LIRGs
(whose τdyn does not depend on luminosity) have average values
of τdyn = 370 Myr and τdyn = 45 Myr, respectively (K98). This
can be compared to τdyn = 33 Myr for SMGs (Tacconi et al.
2006; Bouché et al. 2007). For the QSOs, we use the SMG value.
Assuming a flat rotation curve for BzKs, we get an average
τdyn = 330 Myr at the outer radius, about three times longer
than at the half-light radius, given that for an exponential profile
90% of the mass is enclosed within ∼3 half-light radii. A similar
value is found for our z = 0.5 disk galaxies and the z = 1–2.3
objects from Tacconi et al. (2010). Despite this simple approach,
Figure 4 shows a remarkably tight trend:

log SFR/[M" yr−1] = 1.42×log(MH2/τdyn)/[M" yr−1]−0.86,
(4)

with an error in slope of 0.05 and a scatter of 0.25 dex. Figure 4
suggests that roughly 10%–50% of the gas is consumed during
each outer disk rotation for local spirals, and some 30%–100%

FIG. 1.— LEFT: Reproduced from Green et al. (2010). Mean local velocity dispersion plotted as a function of total Hα luminosity (bottom axis) and star-
formation rate (top axis) for z∼0.1 galaxies in the DYNAMO survey (black circles, with red borders for those with non-disk kinematics), compared with
high-redshift galaxies from a number of AO IFU surveys (other points). The right hand axis (and brown dashed line) shows the rapidly declining space density
of local Hα luminous galaxies. There is a strong correlation of velocity dispersion with star-formation rate and local galaxies with star-formation rates similar
to the high-redshift ones that have been observed with IFUs show similarly high velocity dispersions suggesting a fundamental scaling of velocity dispersion
with star-formation. RIGHT: Kennicutt-Schmidt relation for ensemble of nearby and high redshift galaxies the taken from Daddi et al. (2010b). The points at
low gas and SFR surface densities are for nearby spiral galaxies (Bigiel et al. 2008). High-redshift and infrared luminous galaxies occupy the upper portion of
the relation. Daddi et al. (2010b) suggest the difference between starbursts (which have relatively lower gas densities) and disk-like evolving galaxies is the gas
depletion time. Our ALMA observations will reveal whether the high-turbulence galaxies of the DYNAMO sample are similar to high star forming galaxies at
higher-redshifts or similar to local and high-redshift starbursts.
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Figure 2. Mean local velocity dispersion 
plotted as a function of total Hα luminosity 
(bottom axis) and star-formation rate (top 
axis) for z~0.1 galaxies in the DYNAMO 
survey (black circles; red borders for those 
with non-disk kinematics), compared with  
high-redshift galaxies from a number of 
AO  IFU surveys (other points). The right 
hand axis (and brown dashed line) shows 
the rapidly declining space density of local 
Hα luminous galaxies. There is a strong 
correlation of velocity dispersion with SFR 
and local galaxies with SFRs similar to the 
high-redshift ones that have  been 
observed with IFUs show similarly high 
veloci ty d ispersions suggest ing a 
fundamental scaling of velocity dispersion 
with star-formation. (Reproduced from Green et al. Nature, 2010, see that paper for full details and analysis of 
systematic errors). 

Figure 3. Morphological comparison of selected galaxies all on the same physical kpc scale. (a) M51 in 
Hα, (b) one of our turbulent disk galaxies at z=0.15 recently observed in Pa-α with OSIRIS AO  (note 
the visible clumps are well resolved compared to the tip-tilt star PSF), (c-d) galaxies from the Hubble 
Deep Field in the rest-frame UV showing typical ʻclump-clusterʼ morphologies and kpc sized clumps 
(Elmegreen et al. 2008). The similarity of our turbulent galaxy in clump  size to the high-redshift 
analogues is remarkable and it looks quite different to a normal local disk galaxy such as M51. Stellar 
kinematics are the key to understanding if the turbulence in our nearby  young galaxy 
archetypes is driven by gravitation instabilities or intense stellar feedback.
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Figure 1. Montage of example high velocity dispersion galaxies taken from our AAT IFU  survey. Columns show (a) 
SDSS 3-color images with 22x11 arcsec SPIRAL IFU FoV marked, (b) Hα IFU velocity map, (c) Hα intensity map, 
(d) Hα velocity dispersion map with mean dispersions indicated. The top 2 objects have disk kinematics and the 
bottom one is a merger. Hα clumps are not resolved in natural seeing (~ 2.4 kpc median resolution).

FIG. 2.— Montage of example high velocity dispersion galaxies taken from our AAT IFU survey. Columns show (a) SDSS 3-color images with 22�� × 11��

IFS FoV marked, (b) Hα IFS velocity map, (c) Hα intensity map, (d) Hα velocity dispersion map with mean dispersions indicated. The top 2 objects have disk
kinematics and the bottom one is a merger. We plan to observe 5 galaxies with disk kinematics and 2 with merging dynamics in the proposed ALMA observations.

FIG. 3.— Dust continuum models and predicted ALMA observations of NGC 4038/9 (top row) and M51 (bottom row). We show results for both a galaxy at
z=0.07 and z=0.15. Our ∼1 hour integration times should recover up to 80% of the dust continuum emission if the galaxy is as bright as M51. We expect better
sensitivity since the galaxies are forming stars at a rate > 10× that of M51.

Daddi et al. (2010)

High-z Star Formation Law?

z~2 normal 
SFGs
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ALMA

• High redshift:

• Molecular gas & dust, 
resolved, in NORMAL 
objects.

• Detections, structures, 
kinematics, star-formation 
laws

• Star-free molecular disks 
at z>2?
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My new list of fundamental problems

1. What are the kinematic morphology fractions at 
z>0.5?

2. What is the galaxy merger rate?

3. What drives turbulence in high-z disks?

4. How do ‘clumps’ drive galaxy evolution?

5. How does the Tully-Fisher relation evolve?

6. Is the IMF and SFL Universal in space and time?
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Bournaud et al. (2013) z~2 sim

z=0.13 SFR=32 M⊙◉☉ yr–1 σ=50 km/s

HST

Something cool...

neutral gas


